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ABSTRACT
We consider the formation of binary intermediate black holes (BIMBH) in globular clusters (GC),
which could happen either in situ or due to the mergers between clusters. We simulate the evolution
of the BIMBH orbit (and its subsequent merger) due to stellar ejections. We also take into account
the evaporation of GCs due to the tidal field of the host galaxy and two-body relaxation. Our results
show that if at least 10−3 of all GCs become BIMBH hosts and the BIMBH masses are ∼ 1% of
the GC mass, at least one of the inspiralling (or merging) BIMBHs will be detected by LISA during
its 4-year mission lifetime. Most of the detected BIMBHs come 1) from heavy GCs (& 3× 105 M),
as lower-mass GCs end up being disrupted before their BIMBHs have time to merge, and 2) from
redshifts 1 < z < 3, assuming that most of GCs form around z ∼ 4 and given that the merger
timescale for most BIMBHs is ∼ 1 Gyr. If the BIMBH to GC mass ratio is lower (∼ 10−3) but the
fraction of BIMBH hosts among GCs is higher (& 10−2), some of their mergers will also be detected
by LIGO, VIRGO, and KAGRA and the proposed Einstein Telescope.
1. INTRODUCTION
While there is solid observational evidence for the ex-
istence of the supermassive (SMBHs, M & 105M) and
stellar-mass black holes (SBHs, 10M . M . 100M),
intermediate-mass black holes (IMBHs, 100M . M .
105M) remain elusive. Assuming the M − σ relation
(Merritt & Ferrarese 2001) can be extended down to
IMBH masses, such objects may be hosted by globular
clusters (GC). Baumgardt (2016) claimed there is evi-
dence of a ∼ 4× 104M IMBH in ω Cen, based on the
observed velocity dispersion profiles, while recent analy-
ses showed no evidence for an IMBH (Baumgardt et al.
2019). However, there is a growing evidence that some
X-ray sources (Fabbiano 2006; Davis et al. 2011) and
tidal disruption events (Lin et al. 2018; Peng et al. 2019)
can be explained by accreting IMBHs. In particular,
a tidal disruption of a white dwarf could only be visi-
ble for IMBHs of mass . 2 × 105M, since for larger
masses the Schwarzschild radius would be larger than
the tidal disruption radius of a typical white dwarf (Ross-
wog et al. 2009; MacLeod et al. 2016). Furthermore, em-
pirical correlations between the quasiperiodic oscillation
(QPO) frequencies and black hole masses show tentative
evidence for IMBHs (Wu et al. 2016). IMBHs can lurk
in galactic nuclei as well. For example, a GC can spiral
due dynamical friction into the galactic nucleus, carry-
ing its IMBH close enough to the SMBH so that the
two could form a binary (Petts & Gualandris 2017; Fra-
gione, Ginsburg, & Kocsis 2018a). In the center of the
Milky Way, the existence of such an IMBH still has not
been ruled out (Gualandris et al. 2010; Merritt 2013),
and it could be the origin of some of the observed hy-
pervelocity stars (Yu & Tremaine 2003; Rasskazov et al.
2019). If present, they may be responsible for disrupting
stellar and black hole binaries in galactic centers (Deme
et al. 2019). However, there is still no direct compelling
dynamical evidence for IMBHs in the innermost region
of the Galactic center (e.g. Scho¨del et al. 2018). Re-
cently more than ten low luminosity active galactic nuclei
(AGN) have been identified to harbor IMBHs (Chilingar-
ian et al. 2018; Mezcua et al. 2018). Recent studies of
dynamical and accretion signatures alike point to a high
fraction of low mass galaxies hosting IMBHs (see Greene
et al. 2019, for a review).
Several IMBH formation mechanisms have been sug-
gested: the collapse of a supermassive star produced via
runaway mergers of massive stars in the dense center of
a GC (Portegies-Zwart & McMillan 2002; Freitag et al.
2006; Giersz et al. 2015); repeated mergers of stellar-mass
BHs (Coleman Miller & Hamilton 2002); direct collapse
of gas or Pop III stars in the early Universe (Madau &
Rees 2001; Whalen & Fryer 2012; Woods et al. 2017;
Tagawa et al. 2019); fragmentation of SMBH accretion
disks (McKernan et al. 2012, 2014).
In this paper we examine the possibility that IMBHs
can form a binary IMBH (BIMBH). Gu¨rkan et al. (2006)
found that in sufficiently dense and/or centrally concen-
trated clusters with primordial binary fractions higher
than ∼ 10%, two supermassive stars generally form in-
stead of one. It is also possible for an IMBH to dynami-
cally form a binary with a stellar-mass BH (Mapelli 2016;
Fragione et al. 2018b; Arca Sedda et al. 2019). Alterna-
tively, BIMBH can be the product of a merger between
two star clusters (Amaro-Seoane & Freitag 2006), which
is followed by the BIMBH sinking to the center of the re-
sulting merger cluster due to dynamical friction. What-
ever scenario is invoked to produce a BIMBH in a star
cluster, its orbit starts shrinking soon after its formation
due to stellar ejections, similarly to the well-know case of
binary SMBHs in galactic nuclei (Quinlan 1996; Sesana
et al. 2006; Sesana & Khan 2015; Rasskazov & Merritt
2017). Eventually, the BIMBH semimajor axis becomes
small enough for the gravitation wave (GW) emission
to take over, which quickly leads to the merger of two
IMBHs.
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2A way to detect such mergers is via GWs emitted
by them during inspiral and merger. Merging BIMBHs
can be detected by future space-borne observatories such
as LISA (Amaro-Seoane et al. 2017) or the proposed
ground-based GW observatory Einstein Telescope (Pun-
turo et al. 2010). Mergers of sufficiently low-mass IMBHs
(. 103M), at frequencies & 10 Hz, can also be detected
by Advanced LIGO, VIRGO, and KAGRA at design sen-
sitivity. Using the non-detection of massive binaries in
the first two LIGO observational runs, Abbott et al.
(2019b) placed upper limits on merging BIMBHs. For
instance, they derived an upper limit of 0.2 Gpc−3yr−1
on the merger rate of 100M+100M binaries. Fregeau
et al. (2006) estimated tens of inspirals/yr detected by
LISA and ∼ 10 mergers and ringdowns/yr detected by
LIGO , assuming 10% of all GCs form BIMBHs. Using
similar assumptions, Gair et al. (2011) predicted from a
few to a few thousands detection events for ET. Mod-
elling the waveform of GW emission and assuming ∼ 40
times lower GC formation rate, Amaro-Seoane & Santa-
mar´ıa (2010) estimated ∼ 1 event/yr for LIGO and ∼ 20
events/yr for ET.
In this paper, we calculate the rate of BIMBH detec-
tions by various present and upcoming GW observato-
ries: LISA, LIGO and ET. We improve on the previous
papers by including the dynamical evolution of BIMBHs
due to stellar ejections, and also taking into account the
evaporation of GCs caused by stellar relaxation and tidal
stripping in their host galaxy potential. The central den-
sity and velocity dispersion values of GCs, necessary to
model the stellar ejections, are taken from the observed
GC catalogue (Harris 2010). We examine how future
GW instruments will be able to constrain the values of
two parameters – the fraction of GCs hosting BIMBHs
and the BIMBH mass/GC mass ratio.
This paper is organized as follows. In Section 2, we
describe the dynamics of BIMBHs in the core of star
clusters, which we couple with the GC evolution in the
host galaxy across the cosmic time. In Section 4 we cal-
culate the masses, the rates and the number of IMBHs
that can detected by LISA, LIGO and ET. Finally, we
summarize our results and discuss the implications of our
findings in Section 6.
2. JOINT EVOLUTION OF BINARY IMBHS AND GCS
We assume the BIMBH to be in the center of the GC,
neglecting its Brownian motion, which could possibly in-
crease the hardening rate (Chatterjee et al. 2003; Borto-
las et al. 2016). However, BIMBH massive enough are
expected to have a small wandering radius compared to
the size of the host cluster core (Chatterjee et al. 2003).
After their formation, BIMBHs harden due to 3-body
interactions with stars in the GC core and later due to
GW emission
da
dt
= − a
th(a)
+
(
da
dt
)
GR
, (1a)
th(a) =
σ
HGρca
, (1b)(
da
dt
)
GR
= −64
5
q
(1 + q)2
G3M3IMBH
c5a3
, (1c)
1000 10
4
10
5
10
6
0.5
1
5
10
MGC [M⊙]
σ
[k
m
/s
]
Fig. 1.— Central velocity dispersion vs. the total GC mass and
its best power-law fit. Black: σ calculated according to (5), red:
observed σ from the Harris catalogue.
where ρc is the GC central density, σ is its central velocity
dispersion, and MIMBH and q = MIMBH,2/MIMBH,1 ≤ 1
are the total mass and mass ratio of the IMBH binary,
respectively. For simplicity, we assume all BIMBH to
form at nearly zero eccentricity and with a = ah, i.e. at
the hard-binary separation semi-major axis,
ah =
GMIMBH,2
σ2
, (2)
where MIMBH,2 is the mass of the smaller IMBH. The
exact initial value of a is not important as long as it is
. ah: the hardening timescale increases as the binary
shrinks (Eq. 1b), and as a result the binary spends most
of the time at the shortest a where the stellar ejections
still dominate the IMBH binary evolution.
We calculate th for a GC of a given mass using the Har-
ris catalogue of observed GC parameters (Harris 2010),
where we have removed all GCs marked as core-collapsed.
We convert the GC V-band luminosity into mass using
mass-to-light ratio 1.7 (Harris et al. 2017). We calculate
the central density assuming the density distribution in-
troduced in Stone & Ostriker (2015),
ρ(r) =
ρc
(1 + r2/r2c )(1 + r
2/r2h)
, (3)
where rc is the core radius and rh is the half-mass radius
(rc  rh). Rewriting Eq. (3) in terms of the total cluster
mass MGC
ρc =
MGC(rh + rc)
2pi2r2cr
2
h
, (4)
while the central velocity dispersion can straightfor-
wardly be computed as
σ ≈
√
6GMGC(pi2/8− 1)
pirh
(5)
The observed values of σ are available only for a small
fraction of all GCs. Therefore, we use Eq. (5) to esti-
mate the cluster central velocity dispersion. As shown in
Fig. 1, our estimated values are in good agreement with
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Fig. 2.— Hardening timescale at a = 1 mpc as a function of the
total GC mass. The solid line represents the best power-law fit to
data.
the Harris catalogue. Moreover, we find that there is a
correlation between σ and MGC (Fig. 1),
σ = 8.18 km s−1
(
MGC
105M
)0.446
, (6)
and, using Eq. 1b, a weaker one between th and MGC
(Fig. 2)
th = 32.6 Myr
(
MGC
105M
)−1.05(
a
1 mpc
)−1
. (7)
We use the above expression for σ to calculate ah at
the beginning of the BIMBH evolution (Eq. 2), and the
one for th to calculate the value of th(a) parameter in
Eq. (1a), during the BIMBH evolution. Simultaneously
with the BIMBH evolution, we also track the evolution
of the host MGC. During the GC lifetime, its mass de-
creases due to stellar evolution, as well as the dynamical
ejection of stars via two-body relaxation and stripping
by a host galaxy’s tidal field (Gnedin et al. 2014)
dMGC
dt
= −MGC
(
1
tev
+
1
tiso
+
1
ttid
)
. (8)
Following (Gnedin et al. 2014), we calculate the GC
mass loss via stellar evolution assuming all stars were
born coeval following a Kroupa (2001) initial stellar mass
function, in the range 0.1M–100M
fIMF(m) ∝

2
(
m
M
)−1.3
, m < 0.5M ,(
m
M
)−2.3
, m > 0.5M.
(9)
We adopt a main-sequence lifetime
tMS = 10
10
(
m
M
)−2.5
yr (10)
and an initial-to-final mass function for stellar remnants
(Merritt 2013)1
mrem =

0.109m+ 0.394M, m < 8M
1.4M, 8M < m < 30M
0.1m, 30M < m
.
(11)
All the mass lost via stellar winds and supernova explo-
sions is assumed to leave the cluster. In particular, the
stars with masses between m(t+ dt) and m(t) end their
main-sequence life during the time span t and t + dt,
where m(t) is the mass of the heaviest stars that are still
on the main sequence at time t, the inverse function of
Eq. (10). Thus, the relative change in the GC mass
dMGC
MGC
=
fIMF(m(t))[m(t)−mrem(m(t))]| dm(t)/dt |dt∫m(t)
mmin
fIMFm dm+
∫mmax
m(t)
fIMFmrem(m) dm
,
(12)
which gives a characteristic timescale for the stellar
evolution-induced mass loss
tev =
MGC
|dMGC/dt |
=
∫m(t)
mmin
fIMFm dm+
∫mmax
m(t)
fIMFmrem(m) dm
fIMF(m(t))[m(t)−mrem(m(t))]| dm(t)/dt | (13)
In the absence of the other mass loss mechanisms, it leads
to the GC losing up to ∼ 40% of it mass in 10 Gyr.
The dynamical mass loss is modeled using the prescrip-
tion for tiso from Gnedin et al. (2014)
tiso ≈ 17 Gyr MGC
2× 105M , (14)
(15)
and for ttid from Fragione et al. (2019)
ttid ≈ 10 Gyr
(
MGC
2× 105M
)2/3
P (r), (16a)
P (r) = 100
(
r
1 kpc
)(
Vc(r)
1 kms−1
)−1
. (16b)
In the previous equation, r is the GC distance from the
center of its host galaxy, while Vc(r) and P (r) are the
circular velocity of the galaxy and the rotation period,
respectively.
We include the effect of dynamical friction on GC orbit
(Binney & Tremaine 2008)
dr2
dt
= − r
2
tDF(r,MGC)
, (17a)
tDF = 0.45 Gyr
(
r
1 kpc
)2
Vc(r)
1 km/s
(
MGC
105M
)−1
f,
(17b)
where f is the correction for eccentricity of cluster orbits,
for which we assume f = 0.5, following Gnedin et al.
(2014).
1 We are neglecting the details of stellar evolution models, which
may depend on the stellar metallicity, winds, and rotation (Hurley
et al. 2000).
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Fig. 3.— GC formation rate as a function of redshift, taken from
El-Badry et al. (2018) and Rodriguez et al. (2018).
The initial positions of GCs are chosen to map the
host galaxy stellar density distribution. In our calcula-
tions, we assume the host galaxies to be a Milky Way-
like galaxy, with a spherical Sersic profile of total mass
M∗ = 5× 1010M, effective radius re = 4 kpc and con-
centration index ns = 2.2 (Gnedin et al. 2014). We also
include a dark matter halo with a Navarro-Frenk-White
profile (Navarro et al. 1997) having mass Mh = 10
12M
and scale radius rs = 20 kpc.
Finally, we adopt the GC formation rate described in
Rodriguez et al. (2018) and El-Badry et al. (2018), illus-
trated in their Fig. 3. The GC masses are sampled from
a power-law distribution, as observed for young massive
clusters in nearby galaxies (Zhang & Fall 1999; Gieles
2009; Larsen 2009; Chandar et al. 2010a,b, 2011)
dN
dMGC
∝M−βGC , mmin < MGC < mmax (18)
with mmin = 10
4M, mmax = 107M, β = 2.
3. DEMOGRAPHICS OF MERGING BINARY
INTERMEDIATE-MASS BLACK HOLES
The inclusion of GC disruption has a significant effect
on the demographics of merging BIMBH. For most of the
low-mass GCs the hardening timescales are long enough
and GC disruption timescales are short enough, that the
GC ends up getting disrupted before the BIMBH has
time to coalesce. That is mainly due to the isolated 2-
body relaxation term tiso in Eq. (8),which dominates GC
evaporation at low MGC.
More generally, there are two categories of GCs in our
model:
1. Heavy GCs, where the BIMBH merges before the
cluster is disrupted. For every such GC we record
the merger time. For any fixed GC mass and IMBH
masses, that time depends only on the initial radius
of GC’s orbit in the galaxy r0 (as it affects the
strength of tidal stripping). In what follows, we
use the merger times averaged over all randomly
chosen values of r0.
2. Low-mass clusters, which are disrupted before their
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Fig. 4.— The fraction of GCs where the BIMBH has time
to merge before the GC is disrupted. Dashed blue, solid black,
dotted green and dot-dashed red lines are for µ′ = [4q/(1 +
q)2]1/3MIMBH/MGC = 0.03, 0.01, 0.003, 0.001, respectively.
BIMBHs can merge. It is possible that after the GC
disruption the IMBHs are close enough to merge
due to GW emission, but those cases are rare and
do not significantly affect the merger rate.
Fig. 4 shows the fraction of GCs where the BIMBH has
time to merge before the GC is disrupted, for q = 1 and
various values of the ratio between BIMBH mass and GC
mass µ = MIMBH/MGC. All the BIMBH mergers come
from GCs heavier than ∼ 2× 105 M; the exact number
depends on µ as heavier IMBHs shrink faster due to GW
emission and the hardening timescale does not depend
on µ for hard binaries (Eq. 1a).
Fig. 5 reports the time from BIMBH formation to coa-
lescence tcoal for various initial GC and BIMBH masses.
As discussed above, tcoal decreases for heavier GCs at
fixed µ and for heavier IMBHs. The cutoff at low GC
masses corresponds to coalescence time always being
longer than the GC disruption time. The figure shows
that coalescence always occurs in less than a Hubble
time, thus the BIMBHs are not affected by the “final
parsec problem” for the assumed hardening timescale
(Begelman et al. 1980; Vasiliev et al. 2015; Bortolas et al.
2016) at least for equal binary component masses.
All these results assume q = 1 for all BIMBHs. A lower
q would decrease the GW timescale da/dt in Eq. (1a).
However, setting q < 1 would be equivalent to reducing
µ at q = 1. Indeed, Eq. (1c) can be rewritten as(
da
dt
)
GR
= −64G
2M3GC
5c5a3
µ3η, (19)
where η = q/(1 + q)2. At the same time, neither µ nor η
enter the stellar ejection term (Eq. 1b); there is a depen-
dence of H on q, but it is rather weak for hard binaries
(Sesana et al. 2006). Also ah depends on µ and q, how-
ever, as was mentioned above, its value is not too im-
portant. Therefore, all the results in this section remain
valid for any q (the same for all binaries) if we replace µ
with µ′ = µ (4η)1/3.
4. GRAVITATIONAL WAVE SIGNAL
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Fig. 5.— BIMBH coalescence timescales (from binary formation
at a = ah to coalescence). Line styles are as in Fig. 4.
In this Section, we estimate the number of merging
BIMBHs that can be observed by present and upcoming
instruments.
LISA is only sensitive to GW frequencies higher than
fmin ∼ 10−5 Hz (Robson et al. 2019) where all IMBHs are
in gravitational radiation-dominated regime already. To
determine which of the BIMBHs are detectable, we first
select the binaries that radiate at fmin & 10−5 Hz. Given
their formation rate and merger timescales, the num-
ber of BIMBHs formed in the GCs with initial masses
[MGC, MGC + ∆MGC] and observed at the redshift in-
terval [z, z + ∆z] which radiate at frequencies f > fmin
would be
d2Nobs
dz dMGC
∆z∆MGC = αIMBH αmerger(MGC)
× 1〈MGC〉
d2MGC
dtdV
∣∣∣∣∣
t=t(z)−tcoal(MGC)
dV
dz
∆z
× dN
dMGC
∆MGC tGW(fmin(1 + z), MIMBH, q). (20)
Here we have assumed a fixed ratio between BIMBH total
mass MIMBH and its (initial) host GC mass MGC. The
variables are as follows:
• αIMBH is the fraction of GCs forming BIMBHs,
• αmerger(MGC) is the fraction of GCs of mass MGC
where the BIMBH reaches coalescence before Hub-
ble time,
• dNdMGC is the initial GC mass distribution (Eq. 18),
normalized so that
∫mmax
mmin
dN
dMGC
dMGC = 1,
• 〈MGC〉 =
∫mmax
mmin
dN
dMGC
MGC dMGC is the mean ini-
tial GC mass,
• d2MGCdtdV is the total mass of GCs forming per unit
time per unit comoving volume (shown in Fig. 3),
• t(z) is the time since the Big Bang,
• tcoal is the time from BIMBH formation (which is
assumed to happen at a ≈ ah) to coalescence,
• tGW(f, MGC) is the time (in the source frame) re-
quired for GWs to bring to coalescence an BIMBH
radiating at the observed GW frequency f with to-
tal mass MIMBH and mass ratio q. We are assum-
ing all BIMBHs to be circular so that the radiation
frequency is twice the orbital frequency and
tGW =
5
256
c5
η(GMIMBH)5/3(pif)8/3
. (21)
Note that 1〈MGC〉
dMGC
dtdV is the total number of GCs
forming per unit time per unit comoving volume and
dN
dMGC
∆MGC is the fraction of them that have masses
between MGC and MGC + ∆MGC. To account for non-
negligible coalescence time, we calculate this formation
rate at the redshift at which the BIMBH was formed,
zform, rather than at the redshift at which it is observed,
z. To do that, we calculate the cosmic time t(z), corre-
sponding to redshift z; then t = t(z)− tcoal is the cosmic
time corresponding to zform. If t < 0, then GCs of mass
MGC do not produce observable BIMBHs at redshift z,
and we exclude those particular {z,MGC} bins from our
model.
To estimate the number of merging BIMBH observable
by LISA, we use the following analytic approximation for
the LISA sensitivity (Robson et al. 2019)
Sn(f) =
10
3L2
(
POMS(f) +
4Pacc(f)
(2pif)4
)(
1 +
6
10
(
f
f∗
)2)
+Sc(f), (22)
where
L = 2.5 Gm, (23a)
f∗ =
c
2piL
= 19.09 mHz, (23b)
POMS = (1.5× 10−11 m)2 Hz−1, (23c)
Pacc = (3× 10−15 m)2
(
1 +
(
0.4 mHz
f
)2)
Hz−1.
(23d)
Here Sc is the galactic confusion noise from unresolved
binaries which is well fit by the function
Sc(f) = Af
−7/3e−f
α+βf sin(kf)[1 + tanh(γ(fk − f))] Hz−1,
(24)
where A = 9× 10−45, α = 0.138, β = −221, k = 521,
γ = 1680, fk = 0.00113, for a 4 year observation time.
Since all BIMBHs are in the GW-dominated regime in
the LISA frequency band, the GW emission frequency of
the merging binary evolves during the observation period
as follows:
df
dt
=
96
5
(GM)5/3pi8/3f11/3
c5
. (25)
This gives us the probability distribution of observed GW
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Fig. 6.— The distribution of observed BIMBHs’ SNR. Top:
dashed blue, solid black, dotted green and dot-dashed red lines
are for MIMBH/MGC = 0.03, 0.01, 0.003, 0.001, respectively, for
equal binary component masses. Bottom: solid black, dashed red
and dotted blue lines are for q = 1, 0.2, 0.1, respectively.
frequency in the LISA band:
dN
df
=
dN
dt
(
df
dt
)−1
∝ f−11/3, f > fmin. (26)
Eq. (25) describes the emitted GW frequency, but since
it differs from the observed one only by a factor of 1 + z,
the same distribution applies to both of them.
After we have determined the number of observable
(i.e. emitting in the LISA band) BIMBHs in a {z,MGC}
bin from Eq. (20), we randomly assign a GW frequency
to each of them, randomly selecting from the distribu-
tion (26). The frequency is increasing as the LISA dur-
ing the LISA observation (Eq. 25), which may lead to
the binary merging before the LISA mission is over if the
initial frequency is sufficiently close to merger. Assuming
∆f is the frequency change during the mission lifetime,
we calculate the signal-to-noise ratio (SNR) κ to deter-
mine whether that BIMBH would actually be detectable
(Robson et al. 2019)
κ =
√
16
5
∫ f+∆f
f
A2(f)
Sn(f)
df, (27)
where
A(f) =
√
5
24
(GMz/c3)5/6f−7/60
pi2/3DL/c
×
×

(f/f0)
−7/6, f < f0
(f/f0)
−2/3, f0 ≤ f < f1
wL(f, f1, f2), f1 ≤ f < f3.
(28)
In the previous equation,
fk ≡ akη
2 + bkη + ck
pi(GMz/c3)
, (29a)
L ≡
(
1
2pi
)
f2
(f − f1)2 + f22 /4
, (29b)
w ≡ pif2
2
(
f0
f1
)2/3
. (29c)
We take the values of {fk, ak, bk, ck} from Table 2 in
Robson et al. (2019). Whenever ∆f < 0.1f , we use the
first-order approximation
κ =
h(f)√
Sn(f)
, (30)
where
h(f) =
8T 1/2(GMz/c3)5/3(pif)2/3
51/2DL/c
, (31)
T is the mission lifetime, Mz = Mzη3/5 = MIMBH(1 +
z)η3/5 is the BIMBH chirp mass in the detector frame
and DL is its luminosity distance.
The total number of BIMBHs observed by LISA with
SNR > 8 (standard detection threshold) can be well ap-
proximated as
NLISA ≈ 870αIMBH
( µ
0.01
)0.39
. (32)
Therefore, as long as BIMBHs form in & 10−3 of all GCs,
we should expect LISA to detect at least one of them,
during its 4 year mission lifetime.
We show the distribution of the SNR’s of merging
BIMBHs in Fig. 6. That distribution is bimodal: SNR
& 20 (µ/0.01)0.53 correspond to merging BIMBHs, while
smaller SNR correspond to the BIMBHs observed at
lower frequencies which do not merge during the LISA
observation. The latter have predominantly low SNR
due to observable BIMBHs being concentrated at low fre-
quencies (Eq. 26) and the steep increase of noise Sn(f)
at low f . At both low and high values of SNR (κ) the
distribution is dN/d log κ ∝ κ−1.3. We note this is re-
markably different from the expected dN/d lnκ ∝ κ−3
distribution that we would observe for sources at low
redshifts if their distribution is homogeneous in space
(as observed for the LIGO stellar mass BH binaries in
the O1 and O2 observing runs) 2.
2 Assuming all BH binaries have the same parameters and are
only observed at low redshifts, SNR depends only on their distance
from Earth r. Then κ ∝ 1/r and dN/dκ ∝ dN/dr dr/dκ ∝ r4 ∝
κ−4.
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Fig. 7.— The fraction of detected BIMBHs that are observed to
merge for q = 1 and various µ (top) or µ = 0.01 and various q
(bottom).
As shown on Fig. 7, most of the detected BIMBHs are
observed to merge, and their fraction increases with µ
and q due to stronger GW emission.
The distribution of detected BIMBH masses is shown
in Fig. 8 (top). Higher MIMBH masses for higher values
of µ are not only due to a higher IMBH/GC mass ra-
tio, but also due to the fact that BIMBHs in lower-mass
GCs become massive enough to merge before the GC is
disrupted.
We have also made some simulations for µ = 0.01 and
various values of 0.1 ≤ q ≤ 1 and found that the number
of detected BIMBHs and their mass distribution are al-
most independent of q at constant µ (. 15% difference
between q = 0.1 and q = 1; Fig. 8, bottom). The de-
crease of q decreases the number of detectable BIMBHs
since the GW amplitude A(f) ∝ η1/2, but increases at
the same time the number of events in a given frequency
range due to increased GW timescale tGW ∝ η−1. That
can be seen in the dependence of the fraction of merg-
ing BIMBHs (Fig. 7, bottom) and the SNR distribution
(Fig. 6, bottom) on q.
Low-mass BIMBHs can be detected by Advanced
LIGO (The LIGO Scientific Collaboration et al. 2019) or
the proposed Einstein Telescope (Punturo et al. 2010).
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MIMBH/MGC = 0.01 with various values of q (bottom). Top:
line styles as in Fig. 6 (top). Bottom: solid black, dashed red,
dotted orange, dot-dashed green and solid blue lines correspond to
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To find such sources and calculate their SNR, we use
Eq. (27) with the sensitivity curves taken from Martynov
et al. (2016) and Hild et al. (2011) for LIGO and ET,
respectively. Assuming the same SNR > 8 detection
threshold, the number of detections during the same 4
year time span are nicely fitted by
NLIGO ≈ 44αIMBH log10
0.01
µ
, (33)
for LIGO, and
NET ≈ 130αIMBH
(
1.5− µ
0.01
)
, (34)
for ET, respectively. Fig. 9 illustrates the dependence of
those numbers (as well as the LISA rate) on µ.
These results agree (within a factor of few) with
Amaro-Seoane & Santamar´ıa (2010), who assumed
αIMBH = 0.1 and µ = 0.002, and estimated NLIGO =
1− 10, NET = 60− 100. However, our ET rate is much
lower compared to Gair et al. (2011), who predicted a
rate of ∼ 1000 events/yr, for two reasons. First, they
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Fig. 9.— The number of detections by LISA, aLIGO and ET
during the 4 year LISA mission time as a function of MIMBH/MGC.
It is assumed that all GCs produce a BIMBH (αIMBH = 1); if
αIMBH < 1, the numbers should be rescaled ∝ α. Line styles as in
Fig. 6 (top).
used a GC formation rate which is argued in Amaro-
Seoane & Santamar´ıa (2010) to be unrealistically high;
second, they use a different, somewhat older, model of
ET noise curve (ET-C rather than ET-D).
LIGO and ET would be very unlikely to detect any
events if µ & 0.01 or µ & 0.015, respectively, which cor-
respond to MIMBH & 1000M and MIMBH & 1500M.
The majority of the LIGO detections (∼ 65% for µ =
0.001 and & 90% for µ = 0.003) and especially ET de-
tections (∼ 65% for µ = 0.001 and & 96% for µ ≥ 0.002)
will be detected by LISA as well (before they merge,
when they are still radiating in the LISA band). As in
the case of LISA rates, those depend weakly on q.
Finally, we can estimate the total rate of IMBH merg-
ers per unit cosmic volume
dNmerger
dV dt
=αIMBH
∫
dMGC αmerger(MGC)
× 1〈MGC〉
dMGC
dtdV
∣∣∣∣∣
t=t(z)−tcoal(MGC)
× dN
dMGC
∆MGC (35)
In Fig. 10 (top panel), we report the total merger rate.
It peaks at z ∼ 2 and, as expected, increases with µ; it’s
almost identical to the distribution of detected BIMBHs’
redshifts. Fig. 10 (bottom) shows the total merger rate
contributed by sources within redshift z. We find that
even in the most optimistic case αIMBH we would not
detect any sources closer than z = 0.3. Nearly all sources
((250− 1000)αIMBH events/yr) are at z < 4. BIBMBHs
at z < 1 contribute (20 − 40)αIMBH events/yr, the ones
with z < 2 – (90− 330)αIMBH events/yr.
5. KICK VELOCITY AND SPIN OF MERGER REMNANTS
Due to the anisotropic emission of GWs at merger, the
merger remnant is imparted a recoil kick (Lousto et al.
2012), which can eject the IMBH merger remnant from
the host GC. The recoil kick depends on the asymmetric
mass ratio η and on the magnitude of the IMBH reduced
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Fig. 10.— BIMBH merger rate per unit volume (top) and total
merger rate within redshift z (bottom). The rates are normalized
per αIMBH, as in Fig. 9. Line styles as in Fig. 6 (top).
spins, |χ1| and |χ2|. We model the recoil kick as (Lousto
et al. 2010)
vkick = (1+e)
[
vmeˆ⊥,1 + v⊥(cos ξeˆ⊥,1 + sin ξeˆ⊥,2) + v‖eˆ‖
]
,
(36)
where
vm=Aη
2
√
1− 4η(1 +Bη) (37)
v⊥=
Hη2
1 + q
(χ2,‖ − qχ1,‖) (38)
v‖=
16η2
1 + q
[V1,1 + VAS˜‖ + VBS˜2‖ + VC S˜
3
‖ ]×
×|χ2,⊥ − qχ1,⊥| cos(φ∆ − φ1) . (39)
The term (1 + e) in Eq. (36) accounts for the possi-
ble eccentricity contribution for binaries that may have
not completely circularized by the time of the merger
(Holley-Bockelmann et al. 2008). The ⊥ and ‖ refer to
the direction perpendicular and parallel to the orbital
angular momentum, respectively, while eˆ⊥ and eˆ‖ are
orthogonal unit vectors in the orbital plane. We have
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Fig. 11.— Spins of (top) and kick velocity imparted to (bottom)
the remnant from IMBH+IMBH mergers for different values of q.
also defined the vector
S˜ = 2
χ2,⊥ + q2χ1,⊥
(1 + q)2
, (40)
φ1 as the phase angle of the binary, and φ∆ as the angle
between the in-plane component of the vector
∆ = M2
χ2 − qχ1
1 + q
(41)
and the infall direction at merger. Finally, we adopt A =
1.2×104 km s−1, H = 6.9×103 km s−1, B = −0.93, ξ =
145◦ (Gonza´lez et al. 2007; Lousto & Zlochower 2008),
and V1,1 = 3678 km s
−1, VA = 2481 km s−1, VB = 1793
km s−1, VC = 1507 km s−1 (Lousto et al. 2012). Since
GWs radiate not only linear momentum, but also angular
momentum and energy during a merger, we adjust the
final total spin of the merger product and its mass to
account for these losses (Lousto et al. 2010).
In our calculations, we assume that the merging
IMBHs have initial reduced spin uniformly distributed.
We find that the IMBH mass ratio affects both the final
spin of the merger remnant and the recoil kick, which
is imparted as a result of the asymmetric GW emission.
In Fig. 11, we show the distribution of final spins (χfin)
of the remnant from IMBH+IMBH mergers for different
values of q. The larger the value of q, the larger χfin and
the smaller the width of the distribution. We find that
the distribution is peaked at ∼ 0.7 for q & 0.5, while
for q . 0.5 it is peaked at ∼ 0.5. Since the spin of the
remnant depends only on η (hence q), the final distribu-
tion is not affected by a different value of µ. We also
illustrate the recoil kick imparted to the merger remnant
in Fig. 11. IMBH of comparable masses receive larger
kicks and typically the recoil kick is high enough to eject
the remnant from the host GC, and in some cases from
the host galaxy, even for q = 0.1. Therefore, most of
the GCs that were born with or hosted a BIMBH are
not expected to host any IMBH, if the BIMBH merged
through GW emission.
6. CONCLUSIONS
In this paper, we have assumed that binary IMBHs
form in a certain fraction of GCs (αIMBH) and then
harden due to stellar 3-body scatterings. The rate of that
hardening depends on the stellar density ρc and velocity
dispersion σ in the GC center. We have take their values
from the published catalogue of observed GC properties
(Harris 2010); we found both of these parameters corre-
late with the GC mass, and based on that, have assigned
a certain values of σ and hardening timescale th to every
GC in our model (we need σ separately to calculate the
BIMBH “hard binary separation”).
We have also simulated the GC mass MGC loss due to
tidal disruption in the galactic field, stellar evolution and
ejections of stars via two-body relaxation. Depending on
the IMBH mass, we found that the GCs lighter than
∼ 1.5× 105–4× 105M evaporate before their BIMBH
merge. However, in a small fraction of disrupted GCs
the two IMBHs are close enough to merge via GW emis-
sion at the moment of disruption. We found that the
coalescence time decreases with MGC. As a result, the
BIMBH mergers are only produced in GCs more massive
than a critical GC mass.
We calculated the rate of BIMBH inspirals and mergers
and the prospects for their detection with LISA, LIGO
and ET. Assuming αIMBH = 0.1 and that every BIMBH
mass is µ = 10−2 of its GC mass, we found that LISA
may detect ∼ 100 BIBMH inspirals over its expected 4-
year mission length. LIGO and ET would only detect
IMBHs with sufficiently low masses; we would expect at
least one detection if µ < 0.01 and µ < 0.015, respec-
tively. For lower values of µ, e.g. 10−3, the detection
rate would be ∼ 1 event/yr for LIGO and ∼ 5 events/yr
for ET (for the same value of αIMBH = 0.1). Given the
different assumptions about GC number density in the
Universe, IMBH masses and sensitivity curves, our re-
sults agree with previous papers (Fregeau et al. 2006;
Gair et al. 2011; Amaro-Seoane & Santamar´ıa 2010) and
also are well within the current aLIGO/Virgo upper lim-
its (Abbott et al. 2019b). One interesting possibility is
the possible detection of stochastic GW background pro-
duced by numerous unresolved BIMBHs at low frequen-
cies.
We calculated the expected distribution of SNR of GW
detections with LISA from all BIMBHs in the Universe
(Fig. 6). Since these sources originate at cosmological
distances and because they are localized in a limited
10
range of frequency, the distribution does not scale like
SNR−4 as for LIGO sources in the O1 and O2 observ-
ing runs (Abbott et al. 2019a). The LISA SNR distri-
bution of BIMBHs is bimodal, where the two modes
respectively correspond to sources which are merging
and which inspiral but do not merge during the obser-
vation. The distribution is asymptotically proportional
to dN/dSNR ∝ SNR−2.3 for both very small and large
SNR. Most of the individually detectable sources repre-
sent merging sources.
We have also calculated the distribution of final spins
and kick velocities of BIMBH merger remnants. These
are independent of the total BIMBH masses, and may
only depend on the mass ratio q and the initial spin.
For a uniform distribution of the initial spin, the spin
distribution peaks at ∼ 0.5 when q  1 and ∼ 0.7 when
q = 1. Given q > 0.1, the ejection velocity is in the range
∼ 102 − 103 km/s which implies that approximately all
IMBH merger remnants will escape their host GC.
One of the caveats of our BIMBH evolution model is
that we neglect the intrinsic dispersion in the scaling re-
lations between the GC mass and its central density and
velocity dispersion. It is not well understood how much
of the dispersion is intrinsic and how much is due to
measurement errors. Another simplification is that we
use the present-day version of those relations, ignoring
their possible evolution throughout the GC lifetime. We
also ignore the possibility of nonzero BIMBH eccentric-
ity, which would decrease the hardening timescale and
therefore increase the merger rate. Our description of
GC evolution is rather simple, as we assume all GC pa-
rameters depend on its mass only. Our description of
BIMBH orbital evolution is also simplified as we ignore
the loss-cone depletion, which was shown to stall the
hardening of supermassive BHs (Vasiliev et al. 2015) in
spherical galaxies; however, ignoring it in GCs is prob-
ably reasonable as the 2-body relaxation time in their
centers is rather short. We have also neglected the scat-
ter in the GC initial mass function, both in its slope and
the minimum/maximum GC mass (Gnedin et al. 2014).
Furthermore, we neglected the recoil kicks imparted on
the BIMBH during binary-single interactions, assuming
they are insufficient to eject the BIMBH from the GC.
We also neglected the possible mergers with stellar mass
BHs and the corresponding GW recoil kicks, which may
be important for small IMBH masses (Fragione et al.
2018b). Thus our results represent upper limits to the
BIMBH GW rate.
In this work, we have only considered the single-cluster
BIMBH formation channel. Mergers of two clusters each
hosting an IMBH may represent an independent chan-
nel. It was recently shown (Khoperskov et al. 2018;
Mastrobuono-Battisti et al. 2019) that GCs born in the
MW disc can undergo close encounters and merge at a
rate of ∼ 1.8 Gyr−1. Given the redshift dependence of
GC megrer rate, the method used in this paper may be
generalized to estimate the detection rate in the two-
cluster channel.
Apart from an IMBH-IMBH merger considered in this
work, IMBHs could also potentially merge with one of
stellar-mass BHs in its host GC (Fragione et al. 2018b)
or the supermassive BH if the GC gets disrupted close
enough to the galactic center (Petts & Gualandris 2017;
Fragione et al. 2018a). Although not as robust as GW
emission, there are other ways for a binary IMBH to
observationally manifest itself. One of them is tidal dis-
ruption of stars and white dwarfs (Fragione et al. 2018b),
which is boosted for a binary IMBH compared to a sin-
gle one (Chen et al. 2009; Fragione & Leigh 2018). In
particular, white dwarfs can only be tidally disrupted by
BHs in the IMBH mass range or below. Also, some of
the stars a BIMBH interacts with are ejected from the
GC with high velocities and have a chance to become
detectable as hypervelocity stars in our galaxy(Fragione
& Gualandris 2019; Sˇubr et al. 2019).
The same dynamical mechanism is known to cause
“scouring” of galactic cores (Merritt 2013, Section 8.2.2),
so it is possible that a similar phenomenon happens in
GCs as well. To estimate the potential significance of
that latter effect, we can compare the total energy trans-
ferred from the BIMBH to the ejected stars Ebin ≈
GMIMBH/aGW (where aGW is the semimajor axis at
which hardening due to GW emssion becomes stronger
than the one due to stellar ejections) with the GC bind-
ing energy EGC ∼ GMGC/rh. Given µ = 10−3 and
MGC = 10
6M, aGW ≈ 3µpc. Typical rh ∼ 1 pc, so
that
Ebin
EGC
=
(
MIMBH
MGC
)2
rh
aGW
≈ 0.3
( µ
10−3
)2 rh
1 pc
(
aGW
3µpc
)−1
. (42)
These two energies are comparable, and therefore the
stellar ejections could significantly affect the GC dynam-
ical evolution, which we leave for a future study.
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